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Abstract
We study the cosmic density perturbations induced from fluctuation of the am-
plitude of late-decaying scalar condensations (called φ) in the scenario where the
scalar field φ once dominates the universe. In such a scenario, the cosmic microwave
background (CMB) radiation originates to decay products of the scalar condensa-
tion and hence its anisotropy is affected by the fluctuation of φ. It is shown that the
present cosmic density perturbations can be dominantly induced from the primordial
fluctuation of φ, not from the fluctuation of the inflaton field. This scenario may
change constraints on the source of the density perturbations, like inflation. In addi-
tion, a correlated mixture of adiabatic and isocurvature perturbations may arise in
such a scenario; possible signals in the CMB power spectrum are discussed. We also
show that the simplest scenario of generating the cosmic density perturbations only
from the primordial fluctuation of φ (i.e., so-called “curvaton” scenario) is severely
constrained by the current measurements of the CMB angular power spectrum if
correlated mixture of the adiabatic and isocurvature perturbations are generated.
1 Introduction
In the recent years, observation of the cosmic microwave background (CMB) anisotropy
has been greatly improved. After the discovery of the CMB anisotropy by COBE [1] at
the angular scale θ >∼ 7
◦, there have been many efforts to improve the measurements. In
particular, recent balloon and ground-based experiments observed the CMB anisotropy at
smaller angular scale of θ ∼ O(0.1◦) [2, 3, 4]. Then, the observation of the CMB anisotropy
is expected to be greatly improved by the on-going and future satellite experiments, MAP
[5] and PLANCK [6]; after these experiments, the CMB angular power spectrum Cl will
be determined at O(1 %) level up to the multipole l <∼ 1000− 2000.
With these measurements, our understanding of the evolution of the universe is also
being improved. Importantly, since the CMB power spectrum is sensitive to origins and
evolutions of the cosmic density perturbations (as well as to the cosmological parameters),
we are now able to constrain scenarios of generating the cosmic density perturbations.
Among various scenarios, inflation [7] is probably the most popular and well-motivated
one to provide the source of the cosmic density perturbations. In the simplest case, all
the components in the universe (other than the cosmological constant), like the photon,
baryon, cold dark matter (CDM), and so on, originate to decay products of the inflaton
field χ which is the scalar field responsible for the inflation. The inflaton field fluctuates
during the inflation and it becomes the source of the cosmic density perturbations. One
of the most important consequences of such a scenario is that, since all the components in
the universe are produced from the inflaton field, there is no entropy perturbation between
any of two components and hence the density fluctuations become adiabatic. Importantly,
assuming the standard evolution of the universe after the inflation and using a reasonable
set of the cosmological parameters, it is now widely believed that the observed CMB power
spectrum is consistent with the one predicted from the scale-invariant spectrum which can
arise from some class of inflation models [8].
From the particle-physics point of view, however, the simplest scenario may not be the
case and there exist possible sources of the cosmic density perturbations other than the
inflaton field. In particular, in various scenarios, light scalar fields are introduced which
dominate the universe at early epochs. (We denote such a scalar field as φ.) For example, in
the scenario of Affleck-Dine baryogenesis [9], condensation of the squark and slepton fields
is converted to the baryon-number asymmetry of the universe. If this is the case, there
may exist an epoch when the universe is dominated by the Affleck-Dine field. Then, at the
time of the decay of the Affleck-Dine field, the late-time entropy production occurs. Other
candidate is flat directions in the theory space. In particular, in the superstring theory
[10], there are various flat directions parameterized by scalar fields called moduli fields.
Such moduli fields are expected to acquire masses from the effect of the supersymmetry
breaking and hence their masses can be much lighter than the Planck scale. If the initial
amplitudes of the moduli fields are large, the universe is once dominated by the moduli
field and is reheated at the time of the decay of the moduli fields. (See Refs. [11, 12] for
the scenario with cosmological moduli fields.) In addition, in Refs. [13] it is pointed out
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that the baryon-number asymmetry of the universe can be explained if the universe was
once dominated by the condensation of the right-handed scalar neutrino. In this case, the
universe also experiences the late-time entropy production. In addition, axion-like scalar
field is proposed as a seed of the cosmic density perturbations [14] in the pre-big-bang [15]
and the ekpyrotic [16] scenarios.
Such scalar fields may acquire fluctuations of the amplitude in the early universe (in
particular, during the inflation). Then, the scalar field eventually decays and reheats the
universe. Importantly, in this class of scenario, the CMB radiation we observe today orig-
inates to φ rather than to the inflaton. As a result, one can expect that the fluctuation
of the scalar-field amplitude affects the cosmic density perturbations [17, 18, 19, 20]. In
particular, in such a scenario, adiabatic and isocurvature perturbations may be generated
with cross-correlation.#1 Indeed, in Ref. [20], the CMB angular power spectrum is cal-
culated in such a framework, and it was shown that effects of the correlated isocurvature
perturbation may be large enough to be seen in the on-going and future experiments. In
addition, it is possible that the dominant part of the cosmic density perturbations observed
today may originate to the primordial perturbation in the amplitude of φ rather than to
the fluctuation of the inflaton amplitude. (This kind of mechanism is sometimes called
“curvaton mechanism.”)
In this paper, we consider effects of such scalar-field condensations to the cosmic den-
sity perturbations without relying on any particular scenarios. Assuming that the universe
was once dominated by the scalar-field condensation and that the reheating occurred at
a later stage with generating large amount of entropy, we study the evolutions of the
cosmic density perturbations and consider the CMB angular power spectrum. As we will
see, the CMB power spectrum can be affected in various ways depending on scenarios.
Interestingly, if the decay product of the φ field does not generate the baryon asymmetry
or the CDM component, then the adiabatic and isocurvature perturbations can be both
generated with cross-correlation. In this case, the CMB power spectrum may significantly
change its behavior from the adiabatic result. In particular, the simple “curvaton” sce-
nario, in which the cosmic density perturbations are generated only from the primordial
fluctuation of the amplitude of φ, is severely constrained by the current observations of
the CMB angular power spectrum if the adiabatic and isocurvature perturbations are
generated with cross-correlation.
The organization of the rest of this paper is as follows. In Section 2, we introduce
the scenario we consider and follow the thermal history of the universe. Evolutions of the
cosmic density perturbations in such a scenario is discussed in Section 3. In particular,
it is discussed how the density perturbation in the radiation is affected by the primordial
fluctuation of the amplitude of φ. Then, in Section 4, we overview the behavior of the
CMB anisotropy in our scenario. Detailed discussions on the CMB power spectrum for
the cases with and without the isocurvature perturbations are given in Sections 5 and 6,
respectively. Section 7 is devoted for the conclusion.
#1For other mechanisms of generating correlated mixture of the adiabatic and isocurvature perturba-
tions, see [21].
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2 Scenario
Let us first introduce the scenario we have in mind. In this paper, we consider the thermal
history with late-time entropy production which is due to the decay of the scalar field φ.
For our study, it is important to understand the behavior of the scalar field in the
expanding universe. For this purpose, we start with the Lagrangian of the form
L =
1
2
gµν∂µφ∂νφ− V (φ), (2.1)
where V (φ) is the potential of the scalar field. In our discussion, we adopt the parabolic
potential for the scalar field;
V (φ) =
1
2
m2φφ
2. (2.2)
From this Lagrangian, we can derive the energy density ρφ and the pressure pφ of the
scalar field condensation; for the zero-mode, we obtain
ρφ =
1
2
φ˙2 +
1
2
m2φφ
2, pφ =
1
2
φ˙2 −
1
2
m2φφ
2, (2.3)
where the “dot” denotes the derivative with respect to time t.
In addition, in the expanding universe, equation of motion of the scalar field is given
by
φ¨+ 3Hφ˙+m2φφ = 0, (2.4)
where H ≡ a˙/a is the expansion rate with a being the scale factor. The behavior of φ
depends on the relative size of the expansion rate H and the scalar mass mφ. When the
expansion rate is much larger thanmφ, the second term, which plays the role of the friction
term, is significant and φ˙ (almost) vanishes. In this case, change of the scalar amplitude
can be neglected and φ takes a constant value. We call this epoch as “slow-roll” epoch
since φ˙ is negligibly small. On the contrary, when H <∼mφ, the scalar field oscillates around
the minimum of the potential. In particular, when H ≪ mφ, the oscillation of the scalar
field becomes fast enough so that the relation 1
2
〈φ˙2〉osc =
1
2
m2φ〈φ
2〉osc holds, where 〈· · ·〉osc
denotes the average over the time scale much longer than m−1φ (but shorter than H
−1).
With this relation, the energy density and the pressure of the scalar field are given as
〈ρφ〉osc =
〈
1
2
φ˙2 +
1
2
m2φφ
2
〉
osc
= m2φ〈φ
2〉osc, 〈pφ〉osc =
〈
1
2
φ˙2 −
1
2
m2φφ
2
〉
osc
= 0. (2.5)
As we can see, the pressure of the scalar field effectively vanishes at this epoch and the
equation-of-state parameter for the scalar field becomes ωφ = 0. In this case, the energy
density of the scalar field behaves as that of the non-relativistic component. Consequently,
when Γφ ≪ H ≪ mφ (with Γφ being the decay rate of φ), ρφ decreases as a
−3.
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Now we discuss the thermal history of the universe with the scalar field φ. In particular,
we consider the case where the initial amplitude of the scalar field φinit is non-vanishing
so that φ may become cosmologically significant. With such an initial condition, let us
follow the evolution of the universe starting with the inflationary period.
As in the conventional cases, we adopt the epoch of (slow-roll) inflation in the early
stage. As well as solving the horizon and flatness problems, inflation provides the source
of the cosmic density perturbations. We assume that the mass of the scalar field φ is much
smaller than the expansion rate of the universe during the inflation Hinf . If this is the
case, the energy density of the scalar field is much smaller than the total energy density
of the universe as far as the amplitude of the scalar field is smaller than the Planck scale.
Then, the potential of the scalar field φ is effectively flat during inflation and there is
no strong reason to have vanishing initial amplitude of φ.#2 In addition, if mφ ≪ Hinf ,
φ is slow-rolling during inflation and it keeps its initial amplitude. Thus, we assume a
non-vanishing value of the initial amplitude φinit.
In the slow-roll inflation models, the inflaton field χ oscillates after the inflation and
decays. Then, the universe is reheated. (We call this epoch as the “first reheating” since,
in the scenarios we consider, the universe is reheated again due to the decay of φ.) The
energy density of the inflaton field also decreases as a−3 in this oscillating period, and
hence the expansion rate of the universe is being decreased. Then, at the time when the
expansion rate of the universe becomes comparable to the decay rate of the inflaton Γχ,
the inflaton decays and reheats the universe. Equating the expansion rate and the decay
rate of the inflaton field, the reheating temperature is estimated to be
TR1 ∼ g
−1/4
∗
√
ΓχM∗, (2.6)
where g∗ ∼ O(100) is the effective number of the massless degrees of freedom,
#3 M∗ ≃
2.4 × 1018 GeV is the reduced Planck scale, and we adopt the approximation of the in-
stantaneous reheating at the time of H = Γχ. In addition, here (and in the following
order-of-estimations in this section), we neglect numerical constants of O(1).
Evolution of the scalar field φ depends on the relative size of mφ and Γχ. If the mass
mφ is smaller than Γχ, φ starts its oscillation after the decay of the inflaton; otherwise, φ
starts to move while the inflaton field is still oscillating. In studying the thermal history
with the scalar field φ, it is also important to specify the initial value of the scalar field
φinit. When φ starts to move, H ∼ O(mφ) and hence the total energy density of the
universe is O(m2φM
2
∗
). Thus, if φinit is smaller than M∗, the scalar field is a sub-dominant
component when it starts to move, and hence the evolution of the universe at this epoch
is controlled by other components, oscillating inflaton field or radiation. If φinit ∼M∗, on
the contrary, energy density of φ becomes comparable to the total energy density. In this
case, the scalar field φ never becomes minor component until it decays.
#2If the minimum of the potential of φ is a symmetry-enhanced point, however, initial value of φ may
vanish [22].
#3In this section, we neglect the temperature dependence of g∗ since it does not significantly change the
following discussion.
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Let us first consider the case where TR1 is high enough so that φ starts to oscillate
after the decay of the inflaton. This happens when mφ
<
∼ Γχ. In this case, the scalar field
starts to oscillate at the temperature
Tosc ∼ g
−1/4
∗
√
mφM∗. (2.7)
After this epoch, the energy density of the scalar field ρφ decreases as a
−3 while that of
radiation is proportional to a−4, and hence the energy density of the scalar field decreases
slower than that of the radiation. Thus, when the amplitude of the scalar field is as large
as φeq ∼ φ
4
init/M
3
∗
, the energy density of the scalar field becomes comparable to that of
radiation if the scalar field does not decay before this epoch. Expansion rate at this epoch
is Heq ∼ (φ
4
init/M
4
∗
)mφ, and Heq becomes larger than the decay rate of φ if
φinit>∼
(Γφ/mφ)
1/4M∗ ∼ g
1/8
∗
(T 2R2/mφM∗)
1/4M∗ : mφ < Γχ, (2.8)
where TR2 is the reheating temperature after the decay of φ and is estimated as
TR2 ∼ g
−1/4
∗
√
ΓφM∗. (2.9)
If the condition (2.8) is satisfied, the scalar field dominates the universe before it decays.
If the reheating temperature after the inflation TR1 becomes low, the scalar field φ may
start to oscillate before the inflaton field decays; this is the case if Γχ
<
∼mφ. In this case,
when the inflaton field decays, the amplitude of the scalar field is (Γχ/mφ)φinit. Then, the
energy densities of φ and radiation become comparable when φ ∼ (Γχ/mφ)φ
4
init/M
3
∗
, if φ
does not decay before its amplitude becomes smaller than this value. Then, the condition
to have a φ-dominated epoch is
φinit>∼
(Γφ/Γχ)
1/4M∗ ∼ (TR2/TR1)
1/2M∗ : mφ > Γχ. (2.10)
If the initial amplitude of φ becomes larger than ∼ M∗, on the other hand, the φ
field slow-rolls even after the expansion rate of the universe becomes comparable to mφ.
Then, the universe enters into the de Sitter phase again. In this case, φ plays the role
of the inflaton and the resultant cosmic density perturbation becomes the same as the
standard adiabatic result (if the scale of the secondary inflation is properly chosen).#4
Thus, we assume that the initial amplitude of φ is smaller than M∗. In particular, we
assume that φinit is small enough so that the universe has a radiation-dominated epoch
before φ dominates the universe. (This is the case if φinit is substantially smaller than
M∗.)
In Fig. 1, we summarize the above results; on the TR2 vs.mφ plane, we plot the contours
of the minimum value of φinit with which the universe experiences the φ-dominated epoch.
#4If the e-folding number due to the secondary inflation is small, however, this is not the case and the
cosmic density fluctuation for large scale is generated by the first inflation. We do not consider such a
case in this paper.
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Figure 1: Contours of minimum values of the initial amplitude of the φ field with which
the universe is once dominated by the energy density of φ. The vertical axis is the mass
of φ and the horizontal axis is TR2. TR1 is taken to be (A) TR1 = 1 × 10
6GeV, (B)
TR1 = 1× 10
10GeV and (C) TR1 = 1× 10
14GeV.
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In the following discussion, we assume that the initial amplitude of the scalar field is large
enough so that there exists the φ-dominated epoch.
Since the universe has to follow the standard big-bang scenario in particular for the big-
bang nucleosynthesis, however, the universe has to become radiation-dominated after the
φ-dominated epoch. This is realized by the reheating due to the decay of φ. When H ∼ Γφ,
the φ field decays and its energy density is converted to that of radiation. The reheating
temperature at the time of the φ-decay depends on the decay rate Γφ. Importantly, the
reheating temperature has to be higher than ∼ 1 MeV so that the success of the standard
big-bang nucleosynthesis is not altered; we assume that Γφ is large enough in order not to
affect the standard nucleosynthesis scenario.
In summary, the thermal history is as follows:
1. In the early stage, inflation occurs.#5 During inflation, the scalar field φ has a
substantial initial amplitude so that it dominates the universe at the later stage.
2. After the inflation, the universe is dominated by the oscillating inflaton field. (We
call this epoch as “χD” epoch.) At some point, the inflaton decays and reheats the
universe.
3. When the expansion rate of the universe becomes comparable to mφ, the φ field
starts to oscillate. This may happen during the χD or the radiation-dominated
epoch. We assume that the initial amplitude of φ is smaller than ∼M∗ so that there
is no inflation induced by the φ field. In addition, if φinit is substantially smaller
than M∗, the universe experiences a radiation-dominated epoch before φ dominates
the universe. (We call this epoch as “RD1” epoch.)
4. As the universe expands, φ eventually dominates the universe since ρφ ∝ a
−3 while
ρrad ∝ a
−4 (where ρrad is the energy density of radiation). We call this epoch “φD”
epoch.
5. When H ∼ Γφ, the φ field decays and reheats the universe. Then the radiation-
dominated universe is realized again. (We call this epoch “RD2” epoch.) After this
epoch, the evolution of the universe is the same as the standard big-bang case as far
as the cosmic density perturbations are not concerned.
The scenario is schematically shown in Fig. 2. (In the following, the subscripts “χD,”
“RD1,” “φD,” and “RD2” will be used for variables in each epochs.)
3 Evolutions of the Perturbations
In the previous section, we summarized the scenario and discussed the evolutions of the
background variables (i.e., the zero-modes). Our purpose is, however, to understand the
#5For the pre-big-bang [15] and the ekpyrotic [16] scenarios, this may not be the case. In these cases,
we assume that some other mechanism generates the primordial fluctuation of φ.
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Figure 2: Schematic picture of the thermal history of the universe; evolution of the energy
density of various components. Here, we assumed that the φ field starts to oscillate
in the RD1 epoch, but it may happen in the χD epoch. The solid lines are for scalar
condensations and the dotted ones are for radiation.
effects of the fluctuation of the amplitude of the scalar field φ on the cosmic density
perturbations. Thus, in this section, we discuss the evolutions of the perturbations in
detail. Importantly, properties of the density perturbations are determined at the epoch
much earlier than the electron decoupling (i.e., T ∼ me, with me being the electron
mass) and the neutrino freeze-out. Thus, in this section, we study the behaviors of the
perturbations in such an epoch. In this paper, we give the formalism in the conformal
Newtonian gauge. (We follow the notation and convention of [23].)
In discussing the evolutions of the perturbations, it is convenient to define the variable
δX as
δX ≡ δρX/ρX , (3.1)
where the subscript X denotes the individual components (like radiation, CDM, baryon,
and so on) and δρX is the density perturbation of the component X . In addition, in the
conformal Newtonian gauge, the perturbed line element is given by
ds2 = −(1 + 2Ψ)dt2 +
(
a
a0
)2
(1 + 2Φ)δijdx
idxj
=
(
a
a0
)2 [
−(1 + 2Ψ)dτ 2 + (1 + 2Φ)δijdx
idxj
]
, (3.2)
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where τ is the conformal time, a0 is the scale factor at the present time, and Ψ and Φ are
the metric perturbations.
Substituting Eq. (3.2) into the Einstein equation, we obtain the generalized Poisson
equation for Φ:
k2Φ =
1
2M2
∗
(
a
a0
)2
ρtot
[
δtot +
3H
k
(1 + ωtot)Vtot
]
, (3.3)
and other equation relating Φ, Ψ, and the anisotropic stress perturbation of the total
matter Πtot:
k2(Ψ + Φ) = −
1
M2
∗
(
a
a0
)2
ptotΠtot. (3.4)
Here, “tot” denotes the total matter and the variable VX denotes the velocity perturbation
of the component X . In addition, k is the comoving momentum, ωtot ≡ ρtot/ptot the
equation-of-state parameter for the total matter, and
H ≡
1
a
da
dτ
. (3.5)
As indicated in the above equations, evolutions of the metric perturbations are related
to those of the density, velocity, and other perturbations of various components. Here, we
consider the universe with temperature higher than T ≃ me. In such a situation, various
charged particles become relativistic and are thermally produced. Then, all the relativistic
components (like photon, electron, quarks, neutrinos, and so on) can be regarded as a single
fluid with very short mean free path, much shorter than the horizon scale. We call such a
component as “radiation” and use the subscript “r” for it.
When the mean free path of the radiation is very short, perturbation of the radiation
becomes locally isotropic and the anisotropic stress perturbation vanishes:
Πr = 0. (3.6)
Then, the equations for the density and velocity perturbations of the radiation are given
by
δ′r = −
4
3
kVr − 4Φ
′, (3.7)
V ′r =
1
4
kδr + kΨ, (3.8)
where the “prime” denotes the derivative with respect to the conformal time τ . In addition,
if a very weakly interacting non-relativistic component exists, its perturbations obey the
following equations:
δ′m = −kVm − 3Φ
′, (3.9)
V ′m = −HVm + kΨ, (3.10)
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where the subscript “m” is for non-relativistic matters. Notice that, when a scalar field is
oscillating, the equation-of-state parameter of the scalar condensation vanishes and hence
the density and velocity perturbations of the scalar field also obey Eqs. (3.9) and (3.10).
In our scenario, there are several possible sources of the density perturbations. The
first one is, as in the conventional case, fluctuation of the inflaton amplitude. In our case,
however, amplitude of φ may also fluctuate and such a fluctuation becomes second source
of the density fluctuations. In addition, if there exists independent scalar field (called
ψ) from which the baryon or the CDM is generated, we also have to take account of its
effects. (In the following, we consider the cases with and without this scalar field ψ.) In
the following, primordial fluctuations of these scalar fields are assumed to be uncorrelated.
In the framework of the linear perturbation theory, evolutions of the perturbations from
the primordial fluctuations of these scalar fields are independent and hence we can study
their evolutions separately. Evolutions of the perturbations from the inflaton fluctuation
are intensively studied; such a fluctuation provides adiabatic density fluctuations. In
addition, density perturbation induced from the fluctuation of ψ is also well known as far
as ψ is a minor component in the RD2 epoch; primordial fluctuation of ψ induces (purely)
isocurvature fluctuation to the baryonic or the CDM component.
Thus, in the following, we study the evolutions of the density perturbations induced
by the fluctuation of the amplitude of φ. For this purpose, we decompose the scalar field
as
φ(t, k) = φ(t) + δφ(k, t), (3.11)
where δφ denotes the fluctuation of φ. (We use the same notation for the total amplitude
and for the zero-mode because we believe there is no confusion.) In particular we study
evolutions in very early universe in order to understand how the fluctuations behave when
the universe enters into the RD2 epoch. In realistic scenarios, the scale we are interested
in (i.e., the scale corresponding to the multipole l <∼O(1000)) is far outside of the horizon
at this epoch and hence we can expand the solutions to the equations as functions of kτ .
In addition, combining the relation Πr = 0 with Eq. (3.4), we obtain Φ = −Ψ. In the
following, we use this relation to eliminate Φ.
In order to discuss the evolutions of the fluctuations, it is important to clarify the
equation-of-state parameters of the individual components in the universe. If all the
components behave as the relativistic or the non-relativistic matter, evolutions of the per-
turbations are described by Eqs. (3.7) − (3.10). In this case, it is convenient to distinguish
the photon (or any other components) from the decay product of φ from that from the
inflaton field, which we call γφ and γχ, respectively.
#6 In order to consider δγφ in the RD2
#6In fact, these photons are mixed each other and they cannot be defined separately. In other words,
their velocity perturbations should be the same since they form a single fluid. Even so, the following
arguments are unchanged as far as we consider the leading terms in the density perturbations since the
velocity perturbation is at most O(kτ). In the following discussion, γφ and γχ should be understood
as representatives of the components which are and are not generated from the decay product of φ,
respectively.
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epoch, we can neglect γχ since the CMB radiation at this epoch is dominantly from the φ
field. Then, we find that, in the RD2 epoch, Ψ and δγφ become constant while Vγφ = O(kτ)
up to higher order corrections. Indeed, combining Eq. (3.3) with Eqs. (3.7) and (3.8), and
using δtot = δγφ and Vtot = Vγφ , we obtain Vγφ = −
1
2
kτΨ
(δφ)
RD2 and
δγφ = −2Ψ
(δφ)
RD2, (3.12)
where Ψ
(δφ)
RD2 is the metric perturbation induced by the primordial fluctuation of the am-
plitude of φ. (In the following, the superscript “(δφ)” is for perturbations generated from
the primordial fluctuation of φ.) As we mentioned, Ψ
(δφ)
RD2 is constant up to a correction of
O(k2τ 2).
Behavior of δγχ is also easily understood. In discussing the effects of the primordial
fluctuation of φ, we neglect the initial fluctuation of the inflaton field and hence δγχ → 0
in the deep RD1 epoch. In addition, from Eqs. (3.7) and (3.8), Vγχ becomes higher order
in kτ than δγχ and Ψ. Thus, we obtain
δγχ = 4Ψ
(δφ). (3.13)
The above relation holds in the RD1, φD, and RD2 epochs up to corrections of O(k2τ 2).
For the following discussion, it is convenient to define the entropy perturbation between
γφ and γχ:
S
(δφ)
φχ ≡
3
4
δγφ −
3
4
δγχ = −
9
2
Ψ
(δφ)
RD2. (3.14)
For superhorizon modes, this entropy perturbation is a constant of time [23]. In addition,
for example for the case where the φ field starts to oscillate during the χD epoch,
S
(δφ)
φχ =
[
3
4
δγφ −
3
4
δγχ
]
RD2
=
[
δφ −
3
4
δγχ
]
φD,RD1
= [δφ − δχ]χD , (3.15)
where the last equality holds for the epoch when φ and the inflaton field are both oscil-
lating.
Density (and other) fluctuations in the RD2 epoch are generally parameterized by
using S
(δφ)
φχ . If a component X is generated from the decay product of φ, then there is no
entropy between the photon (i.e., γφ) and X . On the contrary, if some other scalar field ψ
generates X , the entropy between the photon and X is the same as S
(δφ)
φχ . Thus, if all the
components in the universe are generated from φ, the density fluctuations become purely
adiabatic and
[
δ(δφ)γ
]
RD2
=
4
3
[
δ
(δφ)
b
]
RD2
=
4
3
[
δ(δφ)c
]
RD2
= −2Ψ
(δφ)
RD2, (3.16)
where the subscripts γ, b, and c are for the photon, baryon, and CDM, respectively. In
this case, the isocurvature perturbation in the φ field is converted to the purely adiabatic
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density perturbation after the decay of φ [17, 18, 19, 20]. On the contrary, if the baryon
asymmetry is generated by the scalar field ψ, the entropy between the radiation and the
baryon becomes S
(δφ)
φχ and hence [20]
[
δ(δφ)γ
]
RD2
=
4
3
[
δ(δφ)c
]
RD2
= −2Ψ
(δφ)
RD2,
[
δ
(δφ)
b
]
RD2
=
3
4
[
δ(δφ)γ
]
RD2
+
9
2
Ψ
(δφ)
RD2, (3.17)
and in the case where ψ is responsible for the CDM while the baryon number is somehow
generated from the decay product of φ,
[
δ(δφ)γ
]
RD2
=
4
3
[
δ
(δφ)
b
]
RD2
= −2Ψ
(δφ)
RD2,
[
δ(δφ)c
]
RD2
=
3
4
[
δ(δφ)γ
]
RD2
+
9
2
Ψ
(δφ)
RD2. (3.18)
In addition, if the baryon and the CDM are both generated from sources other than φ, we
obtain
[
δ(δφ)γ
]
RD2
= −2Ψ
(δφ)
RD2,
[
δ
(δφ)
b
]
RD2
=
[
δ(δφ)c
]
RD2
=
3
4
[
δ(δφ)γ
]
RD2
+
9
2
Ψ
(δφ)
RD2. (3.19)
It is important to notice that, for the cases given in Eqs. (3.17) − (3.19), the isocurvature
perturbation is correlated with the adiabatic perturbation.
In the case with the ψ field which is responsible for the baryon or the CDM, more
careful considerations are needed. Adopting the parabolic potential for ψ, the fluctuation
of the ψ field obeys
δ¨ψ + 3H ˙δψ +
[
k2
(
a
a0
)2
+m2ψ
]
δψ = −2m2ψψΨ+ ψ˙(Ψ˙− 3Φ˙). (3.20)
Solving this equation, we see that the fluctuation of ψ at the time of H ∼ mψ is of the
order of [ψΨ]H∼mψ . If the ψ field starts to oscillate in the RD1 epoch, energy density of
ψ behaves as that of non-relativistic components even when the metric perturbation Ψ is
negligibly small. In this case, [ψΨ]H∼mψ is small enough to be neglected and the former
discussion applies. If ψ starts to oscillate in the φD epoch, on the contrary, the situation
changes. In this case, the ψ field is slowly rolling when the φD epoch starts and δψ at the
time of the φ-domination is negligibly small. Then, solving Eq. (3.20) for the superhorizon
mode, we obtain
δψ
(δφ)
φD = ψ˙Ψ
(δφ)
φD t, (3.21)
where we used the fact that Ψ˙ and Φ˙ are small enough to be neglected in the φD epoch.
With Eq. (3.21), we can calculate the density fluctuation of ψ as [ρψδψ]φD = −3Hψ˙
2Ψ
(δφ)
φD t.
Importantly, the relation (3.21) holds even after the ψ field starts to oscillate, as far as
H is substantially larger than the decay rate of ψ. So, we can calculate the entropy
between ψ and φ in the φD epoch after the ψ field starts to oscillate; using the relation
[δφ]φD = −2Ψ
(δφ)
φD and 〈ψ˙
2〉 = ρψ, we see that the entropy between ψ and φ vanishes.
Thus, if the ψ field is slow-rolling when the φD epoch starts, density perturbation of
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the component generated from ψ becomes adiabatic. If the ψ field starts to oscillate
just at the time when the φD epoch starts, the correlated mixture of the adiabatic and
isocurvature perturbations is generated but the ratio of the metric perturbation to the
entropy perturbation may deviate from that given in Eqs. (3.17) − (3.19).
Before closing this section, let us estimate the size of S
(δφ)
φχ . As we mentioned before,
primordial fluctuation of the φ field is probably generated during the inflation. In this
case, calculating the two-point function of φ in the de Sitter background, we obtain
〈0|δφ(t, ~x)δφ(t, ~y)|0〉inf =
∫
dk
k
|δφ(t, ~k)|2ei
~k(~x−~y), (3.22)
where the Fourier amplitude for the case of mφ ≪ Hinf is given by
δφ(t, ~k) =
(
k
2aHinf
)2m2
φ
/3H2
inf
[
Hinf
2π
]
k=aHinf
. (3.23)
(The subscript “inf” means that the correlation function is evaluated during the inflation.)
Once the wavelength becomes longer than the horizon scale, the scalar-field fluctuation
obeys the following equation:
δ¨φ+ 3H ˙δφ+
[
k2
(
a
a0
)2
+m2φ
]
δφ = −2m2φφΨ+ φ˙(Ψ˙− 3Φ˙). (3.24)
First, let us consider the case where φinit ≪ M∗. In this case, when the φ field starts
to move, the energy density of φ is much smaller than the total energy density of the
universe. In studying the density perturbations generated by the primordial fluctuations
of φ, the metric perturbations are negligibly small until the energy density of φ becomes
comparable to the total energy density of the universe. In this case, we can neglect the
terms containing the metric perturbations in Eq. (3.24). Furthermore, the k2-term is also
irrelevant for the superhorizon perturbations. Then, we can see that, with the above
approximations, δφ obeys the same equation as the zero-mode. Neglecting the decaying
mode, we obtain the relation
δφ(t, k) =
δφinit(k)
φinit
φ(t), (3.25)
where δφinit is the initial value of the fluctuation of φ, which is Hinf/2π. In addition,
δχ → 0 (and hence δγχ → 0) in the early universe, and hence the initial value of S
(δφ)
φχ is
estimated as
S
(δφ)
φχ (k) =
δρφ(t, k)
ρφ(t)
− δχ(t) =
2δφinit(k)
φinit
. (3.26)
Thus, the entropy S
(δφ)
φχ increases as the initial amplitude of φ decreases. If the initial
amplitude of φ becomes close to M∗, the energy density of φ becomes comparable to the
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total energy density of the universe. Then, the metric perturbation Ψ becomes comparable
to the density perturbation of the φ field δφ. In this case, sizable Ψ generates the density
perturbations of other components and hence the relation (3.26) may not hold. Even
in this case, however, Eq. (3.26) provides a good order-of-estimation of the primordial
entropy perturbation between φ and χ at the time when the φ field starts to oscillate; as
far as there is no inflation caused by φ, S
(δφ)
φχ ∼ O(δφinit/M∗) when φinit ∼M∗.
4 CMB Angular Power Spectrum: Overview
In this section, we study the CMB anisotropy generated from fluctuations of various scalar
fields. The CMB anisotropy is characterized by the angular power spectrum Cl which is
defined as
〈∆T (~x,~γ)∆T (~x,~γ′)〉~x =
1
4π
∑
l
(2l + 1)ClPl(~γ · ~γ
′), (4.1)
with ∆T (~x,~γ) being the temperature fluctuation of the CMB radiation pointing to the
direction ~γ at the position ~x and Pl is the Legendre polynomial. The angular power
spectrum Cl depends on the properties of the primordial density fluctuations and hence
it provides probes for studying how the density perturbations are generated in the early
universe.
In the scenario we consider, there are three possible sources of the density pertur-
bations; the primordial fluctuations of the scalar fields χ, φ, and ψ. Since there is no
correlation among these fields, the CMB anisotropies from these fluctuations are uncorre-
lated and the resultant CMB power spectrum is given in the form
Cl = C
(δχ)
l + C
(δφ)
l + C
(δψ)
l , (4.2)
where C
(δχ)
l , C
(δφ)
l and C
(δψ)
l are contributions from the primordial fluctuations of the
inflaton field χ, the φ field and the ψ field, respectively.#7
The inflaton contribution C
(δχ)
l is the same as the adiabatic result while C
(δψ)
l becomes
the purely isocurvature one. Thus, in the following, we study the properties of C
(δφ)
l .
Effects of the primordial fluctuation of the φ field depend on the scenario as we dis-
cussed. If all the components in the universe originate to φ, then the density perturbations
become adiabatic. In this case, it is difficult to experimentally distinguish C
(δφ)
l from the
adiabatic CMB power spectrum generated from the inflaton fluctuations. Even in this
case, however, there are important implications in studying scenarios of generating the
cosmic density fluctuations, like inflation, as will be discussed in Section 5.
On the contrary, if the scalar field ψ exists which is responsible for the baryon or
the CDM, C
(δφ)
l may become different from the angular power spectrum from the purely
#7If all the components in the universe are generated from the decay product of φ, the ψ field is irrelevant
and C
(δψ)
l does not exist.
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adiabatic density perturbation since the adiabatic and isocurvature perturbations can be
generated with cross-correlation. Although we have considered the entropy perturbations
in the baryonic and the CDM sectors separately in Eqs. (3.17) − (3.19), we found that
the resultant C
(δφ)
l is primarily determined by the entropy between the non-relativistic
matter and radiation; if we parameterize the density perturbation of the non-relativistic
component as
[
δ(δφ)m
]
RD2
≡
[
(Ωb/Ωm)δ
(δφ)
b + (Ωc/Ωm)δ
(δφ)
c
]
RD2
=
3
4
[
δ(δφ)γ
]
RD2
+ κmΨ
(δφ)
RD2, (4.3)
where Ωb, Ωc and Ωm are the (present) density parameters for the baryon, the CDM, and
the non-relativistic component (and hence Ωm = Ωb + Ωc), the parameter κm determines
the shape of C
(δφ)
l . With the relations (3.17), (3.18), and (3.19), κm becomes
9
2
(Ωb/Ωm),
9
2
(Ωc/Ωm), and
9
2
, respectively. On the contrary, if the ψ field is slow-rolling when the
φD epoch starts, κm vanishes. In addition, if ψ accidentally starts to oscillate just at the
beginning of the φD epoch, κm may take any value between 0 and
9
2
. This may happen,
however, when the expansion rate at the beginning of the φD epoch accidentally becomes
comparable to mψ.
In Fig. 3, we plot the angular power spectrum with the correlated mixture of the
adiabatic and isocurvature perturbations in the baryonic and/or CDM sector, i.e., the
cases with the relations given in Eqs. (3.17) − (3.19). Here, we consider the flat universe
with Ωbh
2 = 0.019, Ωm = 0.3, and h = 0.65 [24], where h is the Hubble constant in units of
100 km/sec/Mpc. For comparison, we also plot the angular power spectrum for the purely
adiabatic and isocurvature cases (i.e., C
(δχ)
l and C
(δψ)
l ). As one can see, the CMB angular
power spectrum strongly depends on properties of the primordial density perturbations.
If there exists correlated entropy between the baryon and other components with the
relation (3.17), negative interference between the adiabatic and isocurvature; perturbations
suppresses Cl at lower multipole while the effect of the isocurvature perturbation becomes
too small to affect the structure at high multipole. As a result, the angular power spectrum
is enhanced at the high multipole rather than at the low multipole. If the effect of the
entropy perturbation becomes more efficient, then C
(δψ)
l at high multipole is suppressed
relative to that at low multipole like in the purely isocurvature case. This happens when
the entropy perturbation is in the CDM component with the condition given in Eq. (3.18).
In addition, with the relation given in Eq. (3.19), the correlated entropy becomes more
effective than the case where only the CDM sector has the correlated entropy. Then, the
acoustic peaks are more suppressed relative to the Sachs-Wolfe (SW) tail.
As discussed in the previous section, in the general case, the κm parameter may vary
between 0 and 9
2
, and hence the CMB anisotropy generated from the primordial fluctuation
of φ changes its behavior as κm varies. In particular, if δφinit is the only source of the cosmic
density perturbations, too large κm results in angular power spectrum which is inconsistent
with observations. In this case, we can derive a constraint on the κm parameter.
In order to derive the constraint, we calculate the goodness-of-fit parameter χ2 =
−2 lnL, where L is the likelihood function, as a function of κm. In our calculation, the
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Figure 3: The angular power spectrum with correlated mixture of the adiabatic and
isocurvature perturbations in the baryonic sector (solid line), in the CDM sector (long-
dashed line), and in the baryonic and CDM sectors (dot-dashed line). (See Eqs. (3.17),
(3.18), and (3.19), respectively.) We also show the CMB angular power spectrum in the
purely adiabatic (short-dashed line) and isocurvature density perturbations (dotted line),
i.e., C
(δχ)
l and C
(δψ)
l . We consider the flat universe with Ωbh
2 = 0.019, Ωm = 0.3, and
h = 0.65, and the initial power spectral indices for primordial density perturbations are
all assumed to be 1 (i.e., we adopt scale-invariant initial power spectra). The overall
normalizations are taken as [l(l + 1)Cl/2π]l=10 = 1.
offset log-normal approximation is used [25]. We use a data set consisting of 65 data
points; 24 from COBE/DMR [1] in the range 2 ≤ l ≤ 25, 19 from BOOMERanG [2] in
the range 76 ≤ l ≤ 1025, 13 from MAXIMA [3] in the range 36 ≤ l ≤ 1235, and 9 from
DASI [4] in the range 104 ≤ l ≤ 864. From the figure, we can read off the constraint
on κm. Requiring χ ≤ 84, which corresponds to 95 % C.L. allowed region for the χ
2
statistics with 64 degrees of freedom, we obtain the constraint κm ≤ 0.3 for Ωm = 0.3,
and 1.7 ≤ κm ≤ 2.0 for Ωm = 0.2. Interestingly, the χ
2 variable is relatively suppressed
when κm ∼ 2. This is because the heights of the acoustic peaks relative to the SW tail
once increase then decrease as we increase the κm parameter. In particular, when κm ∼ 2,
the heights of the acoustic peaks relative to the SW tail become similar to those from the
adiabatic density perturbations which well agrees with the observations. Of course, if the
effects of C
(δχ)
l or C
(δψ)
l become important, the above constraint on κm does not apply.
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Figure 4: χ2 as a function of κm. We take Ωbh
2 = 0.019, h = 0.65, and the values of Ωm
are shown in the figure. The flat universe is assumed. Notice that the κm parameter is
smaller than 9
2
in our scenario.
5 Case without Entropy Perturbations
If all the component of the universe (i.e., the photon, baryon, CDM, neutrino, and so
on) are generated from the decay product of φ, there is no entropy between any of two
components. In this case, the resultant angular power spectrum is given in the form
Cl = C
(δχ)
l + C
(δφ)
l . (5.1)
Importantly, the two contributions C
(δχ)
l and C
(δφ)
l are both from adiabatic perturbations.
Thus, for the case where scale dependence of the sources of C
(δχ)
l and C
(δφ)
l , i.e., Ψ
(δχ) and
S
(δφ)
φχ , are the same, C
(δφ)
l ∝ C
(δχ)
l . In this case, it is impossible to test the scenario with
φ using experimental data.
In general, however, the scale dependences of Ψ(δχ) and S
(δφ)
φχ are different. In the slow-
roll inflation scenario, Ψ(δχ) is generated from the fluctuation of the inflaton amplitude
and is given by [26]
Ψ
(δχ)
RD2 =
4
9
[
Hinf
2π
3H2inf
V ′inf
]
k=aHinf
, (5.2)
where V ′inf ≡ ∂Vinf/∂χ with Vinf being the inflaton potential. On the contrary, S
(δφ)
φχ is
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related to the fluctuation of the amplitude of φ, as seen in Eq. (3.26), and hence
S
(δφ)
φχ =
2
φinit
[
Hinf
2π
]
k=aHinf
. (5.3)
In many models of slow-roll inflation, the expansion rate Hinf is almost constant during the
inflation. On the contrary, the slope of the inflation potential V ′inf may significantly vary.
As a result, S
(δφ)
φχ becomes (almost) scale independent while Ψ
(δχ) may have sizable scale
dependence. Since the currently measured CMB power spectrum suggests (almost) scale
invariant primordial density perturbation in the conventional scenario, inflation models
are excluded if Ψ(δχ) has too strong scale dependence [27].
If the φ field exists, however, the situation may change. Since the variable S
(δφ)
φχ is
expected to be (almost) scale invariant, we can relax the constraint on the inflation mod-
els if C
(δφ)
l becomes significantly large, which happens when S
(δφ)
φχ
>
∼Ψ
(δχ). As shown in
Eq. (3.26), S
(δφ)
φχ is inversely proportional to φinit. Thus, if the initial amplitude of φ is
suppressed, this may happen. In particular, if C
(δφ)
l ≫ C
(δχ)
l , the present cosmic density
fluctuations are totally from the primordial fluctuation of φ [18, 19, 20]. (Such a scenario
is sometimes called “curvaton scenario.”#8)
In addition, this mechanism of converting the isocurvature density perturbation in the
scalar field to the adiabatic density perturbation may have some significance in the pre-big-
bang [15] and ekpyrotic [16] scenario. In Refs. [18, 19], it was discussed that the present
cosmological density perturbations may be generated from the primordial fluctuation of
some axion-like fields in the pre-big-bang and ekpyrotic scenarios.
6 Cases with Entropy Perturbations
In this section, we discuss the CMB angular power spectrum in cases with entropy per-
turbations. In particular, we study the effects of the correlated entropy perturbation
generated in the cases where the baryonic or the CDM component is generated from ψ,
not from φ. As we mentioned, if the ψ field starts to oscillate before the φD epoch starts,
the relation (3.17), (3.18) or (3.19) holds. On the contrary, if ψ is slow-rolling at the time
of the φ-domination, density perturbations become adiabatic. Thus, in this section, we
consider the most typical relations (3.17) − (3.19) when the adiabatic and isocurvature
perturbations exist with cross-correlation. In the general case, as we mentioned, the rela-
tion between the adiabatic and isocurvature perturbations may deviate from Eqs. (3.17)
− (3.19). This may happen, however, only if the expansion rate at the beginning of the
φD epoch becomes accidentally close to mψ, and we will not consider such a case in this
paper. (See [29] for such a case.)
As discussed in the previous section, the CMB power spectrum is given in the form
Cl = C
(δχ)
l + C
(δφ)
l + C
(δψ)
l . (6.1)
#8For recent discussions on the curvaton scenario, see [28].
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Here, C
(δχ)
l is from the inflaton fluctuation which is usually parameterized by the metric
perturbation generated by the inflaton fluctuation (in the RD2 epoch), Ψ
(δχ)
RD2. In addition,
C
(δφ)
l and C
(δψ)
l are parameterized by the entropy perturbations in the baryon or the CDM.
To parameterize these contributions, we define the ratios
Rb ≡ S
(δφ)
bγ /Ψ
(δχ)
RD2, Rc ≡ S
(δφ)
cγ /Ψ
(δχ)
RD2, (6.2)
and
αb ≡ S
(δψ)
bγ /Ψ
(δχ)
RD2, αc ≡ S
(δψ)
cγ /Ψ
(δχ)
RD2, (6.3)
where S
(δφ)
bγ (S
(δφ)
cγ ) is the entropy between the baryon and the photon (between the CDM
and the photon) generated from the primordial fluctuation of φ, and S
(δψ)
bγ and S
(δψ)
cγ are
those from δψ. (We adopt Eqs. (3.17) and (3.18), and hence S
(δψ)
bγ and S
(δψ)
cγ are equal
to 9
2
Ψ
(δφ)
RD2 if they are non-vanishing.) The shape of the CMB angular power spectrum
depends on the values of these parameters.
The expressions for Ψ
(δχ)
RD2 and S
(δφ)
φχ are given in Eqs. (5.2) and (5.3), respectively, and
hence, if ψ starts to oscillate before the φD epoch starts, the R-parameters are given as
Rb,c =
3
2
[
V ′inf
φinitH2inf
]
k=aHinf
. (6.4)
Hence Rb,c is model- and scenario-dependent; it depends on the scale of inflation, shape
of the inflaton potential, and initial amplitude of φ. For example in the chaotic inflation
model with the parabolic potential Vinf =
1
2
m2χχ
2, the above expression becomes
[Rb,c]chaotic =
[
9M2
∗
φinitχ
]
k=aHinf
. (6.5)
Using the fact that the inflaton amplitude at the time of the horizon crossing of the COBE
scale is χ ≃ 15M∗ in the chaotic inflation model, [Rb,c]chaotic ≃ 0.6M∗/φinit. Of course,
the values of Rb and Rc depend on the model of inflation, and they vary if we consider
different class of inflation models.
The α-parameters are also estimated in the similar way, and the result is given from
the expression for the R-parameters by replacing φ→ ψ.
6.1 Uncorrelated Entropy Perturbation
Although our main subject is to investigate effects of the fluctuation of the φ field, it
is instructive to study effects of the uncorrelated isocurvature perturbations. Thus, let
us first consider the case with uncorrelated isocurvature perturbations (i.e., case with
Rb = Rc = 0).
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Figure 5: The CMB angular power spectrum with the mixed baryonic isocurvature and
adiabatic density perturbations with αb = 0 (solid line), 3 (long-dashed line) and 5 (short-
dashed line). The cosmological parameters are the same as those in Fig. 3. The overall
normalizations are arbitrary.
In this case, the resultant CMB power spectrum is given in the form
Cl = C
(δχ)
l + α
2
[
C
(δψ)
l
]
α=1
, (6.6)
where α here is αb or αc depending on the scenario.
In Fig. 5, we plot the total angular power spectrum for several values of αb (with
αc = 0). As can be seen, as the effects of the isocurvature mode become more significant,
the power spectrum at the high multipole is more suppressed relative to Cl at small l. In
addition, since the effects of C
(δψ)
l at high multipole are very small, the structure of the
acoustic peaks are almost unchanged from the adiabatic result unless the αb-parameter
becomes extremely large.
Since the isocurvature mode changes the shape of the CMB power spectrum, upper
bounds on the α-parameters can be obtained; if the α-parameters are too large, the acoustic
peaks are so suppressed that the CMB power spectrum becomes inconsistent with the
observations.#9
As in the previous case, we calculate the χ2 variable as a function of αb, and the results
are shown in Fig. 6. From the figure, we see that too large αb is disfavored by the current
observations; taking Ωm = 0.3, which gives the most conservative upper bound on αb, the
constraint αb ≤ 4.5 at 95 % C.L. is obtained.
#9For other discussions on the constraints on the uncorrelated isocurvature perturbations, see [30].
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Figure 6: χ2 as a function of αb. Here we take Ωbh
2 = 0.019, h = 0.65, and the values of
Ωm are shown in the figure. The flat universe is assumed.
The CMB angular power spectrum with αc 6= 0 can be also studied. In fact, the
above results with αb 6= 0 can be translated to the CDM isocurvature cases; the CMB
angular power spectrum for the baryonic and the CDM isocurvature cases are the same if
Ωbαb = Ωcαc; using this relation, we can also derive the upper bound on αc. Thus, in any
case, the heights of the acoustic peaks decrease relative to the SW tail as the (uncorrelated)
isocurvature fluctuation contaminates.
6.2 Correlated Entropy Perturbation in the Baryonic Sector
Now, we study effects of the correlated entropy fluctuation in the baryonic sector (i.e.,
case with Rb 6= 0). Here, we assume other entropy perturbations to vanish (i.e., Rc =
αb = αc = 0). The general case will be discussed later.
#10 In this case, the total angular
power spectrum is given in the form
Cl = C
(δχ)
l +R
2
b
[
C
(δφ)
l
]
Rb=1
. (6.7)
Thus, we expect that, as the Rb-parameter increases, the angular power spectrum at the
high multipole is more enhanced relative to Cl at low multipole.
#10Notice that the α-parameters vanish, for example, for the case where the effective mass of the ψ field
becomes comparable to (or larger than) the expansion rate during the inflation.
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Figure 7: The CMB angular power spectrum for the case of αb = 0. Here we take Rb = 0
(solid line), 5 (long-dashed line) and 10 (short-dashed line). The cosmological parameters
are the same as those in Fig. 3. The overall normalizations are arbitrary.
In Fig. 7, we plot the resultant angular power spectrum with several values of Rb. As
expected, Cl at the high multipole is more enhanced relative to that at low ones as the Rb-
parameter increases, and hence it can be a signal of the late-decaying scalar condensation.
In fact, if the Rb-parameter is too large, the angular power spectrum at high multipole
is too enhanced, which becomes inconsistent with the currently available data. For the
quantitative discussion, we calculate the goodness-of-fit parameter as the previous case
as a function of Rb. The results are shown in Fig. 8 for several sets of the cosmological
parameters. The figure shows that too large Rb becomes inconsistent with the observations
if the total angular power spectrum is given by the sum of C
(δχ)
l and C
(δφ)
l . Numerically,
even adopting the most conservative constraint, Rb ≥ 4.5 is excluded at 95 % C.L.
Before closing this subsection, we would like to comment on the case where the cosmic
density perturbations are totally from the primordial fluctuation of φ, i.e., the case of the
curvaton scenario. In this class of scenario, if the curvaton field φ does not generate the
baryon (or the CDM), the adiabatic and isocurvature perturbations may be generated with
cross-correlation with the relation given in Eq. (3.17) (or Eq. (3.18)).#11 The curvaton
scenario requires C
(δφ)
l ≫ C
(δχ)
l and hence Rb (or Rc) becomes much larger than 1, which
is already excluded by the current observations. (Rc ≫ 1 is also excluded as will be shown
#11In more complicated cases, this may not be the case. If some fraction of the baryon is from the decay
product of φ while the rest is from ψ, for example, the relation given in Eq. (3.17) does not hold. In this
paper, however, we do not consider such a complicated scenario.
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Figure 8: χ2 as a function of Rb. We take Ωbh
2 = 0.019 and h = 0.65. The values of Ωm
are shown in the figures. The flat universe is assumed.
in the next subsection.) One caveat to this argument is that, if the ψ field is so light that
it starts to oscillate after the curvaton field dominates the universe, Rb (or Rc) vanishes
and such a scenario is consistent with the current data.
6.3 Correlated Entropy Perturbation in the CDM Sector
In this subsection, we consider the case with the correlated entropy perturbation in the
CDM sector. Effects of the correlated entropy perturbation in the CDM sector is differ-
ent from those in the baryonic sector. Since the density parameter for the CDM Ωc is
significantly larger than Ωb, entropy between the non-relativistic matter and the radiation
becomes larger compared to the baryonic case. Then, the effects of the correlation be-
tween the adiabatic and isocurvature perturbations become less significant while the effect
of the isocurvature perturbation itself becomes more important. As a result, as discussed
in the previous section, if there exists the correlated entropy perturbation in the CDM
sector with the relation (3.18), the acoustic peaks become lower relative to the SW tail. In
Fig. 9, we show the resultant CMB angular power spectrum for several values of Rc (with
Rb = αb = αc = 0). As Rc increases, the acoustic peaks are more suppressed relative to
the Cl at lower multipole.
As in the previous cases, if the effect of the isocurvature perturbation becomes too
effective, the resultant power spectrum becomes inconsistent with the observations. Thus,
using the current experimental data, we can put an upper bound on the Rc-parameter.
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Figure 9: The CMB angular power spectrum for the case with correlated entropy perturba-
tion in the CDM sector with Rc = 0 (solid line), 1 (long-dashed line), and 2 (short-dashed
line). The cosmological parameters are the same as Fig. 3. The overall normalization are
arbitrary.
In Fig. 10, we plot the goodness-of-fit parameter χ2 as a function of Rc for several sets of
the cosmological parameters. As one can see, even adopting the most conservative case,
Rc larger than 2.0 is excluded at 95 % C.L.
6.4 General Case
Now, we are ready to study the most general case, the case with R 6= 0 and α 6= 0. In this
case, the total angular power spectrum is written in the form
Cl = C
(δχ)
l +R
2
[
C
(δφ)
l
]
R=1
+ α2
[
C
(δχ)
l
]
α=1
. (6.8)
Effects of the non-vanishing R- and α-parameters can be read off from Fig. 3; normalizing
the SW tail, non-vanishing Rb increases the heights of the acoustic peaks while non-
vanishing Rc, αb, and αc suppress the acoustic peaks.
First, let us consider the baryonic isocurvature perturbations. In Figs. 11 and 12, we
show the contours of the constant C1st/C10 and C1st/C2nd on the Rb vs. αb plane, where C1st
and C2nd are the heights of the first and second acoustic peaks, respectively. As one can
see, larger value of Rb (αb) corresponds to larger (smaller) ratio of C1st/C10. Importantly,
the correlated and uncorrelated entropy perturbations affect the heights of the acoustic
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Figure 10: χ2 as a function of Rc. We take Ωbh
2 = 0.019, h = 0.65, and the values of Ωm
are shown in the figure. The flat universe is assumed.
peaks in the opposite way. Thus, even with extremely large values of the Rb- and αb-
parameters, the ratio C1st/C10 may take a similar value as that from the adiabatic case
if Rb and αb are properly related. The ratio C1st/C2nd is less sensitive to the parameters
Rb and αb, and for larger (smaller) value of Rb (αb), the ratio C1st/C2nd is suppressed.
We also calculated the ratio C3rd/C2nd (with C3rd being the height of the third acoustic
peak) and found that this ratio is almost independent of Rb and αb. This is because the
structure of the angular power spectrum at high multipole is dominantly determined by
the adiabatic part of the perturnations. We would like to emphasize that the effects of
the primordial fluctuations of the φ and ψ field are quite different; C
(δφ)
l is enhanced at
high multipole while C
(δψ)
l becomes larger at low one. Thus, if the parameters Rb and αb
obey a specific relation, the adiabatic result may be mimiced even when the effects of the
entropy perturbation are quite large.
To study this issue, we calculate the goodness-of-fit parameter χ2 as a function of Rb
and αb (with Rc = αc = 0). Here, the overall normalization of Cl is chosen such that
the χ2 variable is minimized. The results are shown in Fig. 13 for several sets of the
cosmological parameters. Here, all the primordial density perturbations are assumed to
be scale-invariant. For the cases with Ωm = 0.2 and 0.3, it is interesting that large values
of Rb and αb are allowed. In particular, for the case with Ωm = 0.2, only the case with
non-vanishing Rb and αb is allowed. Importantly, in this parameter region, the CMB
anisotropy originates to non-adiabatic density perturbations while the contribution from
the inflaton fluctuation C
(δχ)
l becomes negligibly small. In the following, we call this case
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Figure 12: Same as Fig. 11, except that the contours are those of constant C1st/C2nd.
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Figure 14: The angular power spectrum with Rb = αb = 0 (solid line), and Rb = 50 and
αb = 63 (dashed line). We take Rc = αc = 0. The cosmological parameters are the same
as those in Fig. 3. The overall normalizations are arbitrary.
as “modified-curvaton” case. It should be noticed that, in the modified-curvaton case, the
parameters Rb and αb satisfy the relation αb ≃ (1.0− 1.7)Rb for Ωm = 0.3. For Ωm = 0.4,
large values of Rb and αb are not allowed in contrast to other cases.
It is interesting to study whether the angular power spectrum in the modified-curvaton
case can be distinguished from the adiabatic one by the on-going and future experiments.
In Fig. 14, we plot the CMB angular power spectrum in the adiabatic and modified-
curvaton cases, Rb = αb = 0, and Rb = 50 and αb = 63 (which minimizes the χ
2 variable
for Rb = 50), respectively. In the modified-curvaton case, shape of the power spectrum
at high multipole is determined by C
(δφ)
l which is similar to that of the adiabatic case.
Thus, it is difficult to distinguish two cases just by looking at the power spectrum at
high multipole. However, as one can see, the structure of the angular power spectrum
at relatively low multipole is significantly affected. In particular, the ratio C1st/C2nd will
provide us an interesting probe for studying the modified-curvaton scenario. Since the
MAP is expected to measure the angular power spectrum at O(1 %) level up to the
multipole l ∼ 1000 − 2000, Cl at the high multipole may be used to calibrate the power
spectrum to see the distortion of the CMB angular power spectrum from the adiabatic
result.
We can also consider the case where the CDM sector has correlated and uncorrelated
entropy perturbations (i.e., the case with Rc 6= 0 and αc 6= 0). Importantly, correlated
and uncorrelated entropy perturbations both suppress the angular power spectrum at
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high multipole relative to the low one. Thus, in this case, too large Rc is always excluded
irrespective of the value of αc if the baryon is from the decay product of φ.
7 Conclusion
In this paper, we discussed the effects of the late-time entropy production due to the decay
of the scalar-field condensations on the cosmic density perturbations. If the universe
is reheated by the decay of the scalar field φ, many of the components in the present
universe are generated from the decay products of the φ field. In such a case, cosmic
density perturbations are affected by the fluctuation of the amplitude of φ which may be
generated during the inflation.
If all the components in the universe originate to the decay product of φ, density
perturbations generated from the primordial fluctuation of φ becomes adiabatic. In this
case, the CMB angular power spectrum from the fluctuation of φ becomes the usual
adiabatic ones with (almost) scale-invariant spectrum. If this becomes the dominant part
of the cosmic density perturbations, then we have seen that the constraints on inflation
models from observations of the CMB angular power spectrum are drastically relaxed.
If the baryon or the CDM is not generated from φ but from a new scalar field ψ, on the
contrary, correlated mixture of the adiabatic and isocurvature perturbations may arise. In
particular, if the ψ field starts to oscillate much before the φ field dominates the universe,
the metric and entropy perturbations obey the model-independent relation. In this case,
the CMB angular power spectrum may be significantly affected and the shape of the
resultant power spectrum depends on which component has the correlated isocurvature
perturbation. If the baryonic component has the correlated isocurvature perturbation,
the density perturbations after the decay of φ become those given in Eq. (3.17). In this
case, Cl at high multipole is more enhanced relative to that at low multipole. On the
contrary, if the CDM is not generated from φ, correlated isocurvature perturbation can
be induced in the CDM component as given in Eq. (3.18). In this case, heights of the
acoustic peaks become lower relative to the SW tail. If there exists an contamination of
these component into the total angular power spectrum, Cl differs from the adiabatic one.
The important point is that, in both cases, too much correlated isocurvature perturbations
become inconsistent with the present observation of the CMB power spectrum.
Even with the correlated isocurvature perturbation in the baryonic sector, heights of
the acoustic peaks can be reduced by introducing uncorrelated isocurvature perturbation.
This may happen, for example, if we take account of the primordial fluctuation of the scalar
field ψ. (For example, this scalar field may be the Affleck-Dine field.) In particular, if the
sizes of the correlated and uncorrelated entropy perturbations are properly chosen, the
resultant CMB power spectrum becomes consistent with the present observations without
the effect of the inflaton fluctuation. Even in this case, the angular power spectrum is not
exactly the same as the conventional adiabatic one and the deviation from the adiabatic
result may be observed at on-going and future experiments.
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In summary, if there exists correlated mixture of the adiabatic and isocurvature per-
turbations, the total CMB angular power spectrum can be distorted and it can be a signal
of the late-time entropy production due to the decay of the scalar field condensation. The
on-going and future experiments may observe such a signal.
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